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We review current theories for the origin of the Stellar Initial Mass Function (IMF) with
particular focus on the extent to which the IMF can be considered universal across various
environments. To place the issue in an observational context, we summarize the techniques used
to determine the IMF for different stellar populations, the uncertainties affecting the results,
and the evidence for systematic departures from universality under extreme circumstances. We
next consider theories for the formation of prestellar cores by turbulent fragmentation and the
possible impact of various thermal, hydrodynamic and magneto-hydrodynamic instabilities.
We address the conversion of prestellar cores into stars and evaluate the roles played by
different processes: competitive accretion, dynamical fragmentation, ejection and starvation,
filament fragmentation and filamentary accretion flows, disk formation and fragmentation,
critical scales imposed by thermodynamics, and magnetic braking. We present explanations
for the characteristic shapes of the Present-Day Prestellar Core Mass Function and the IMF
and consider what significance can be attached to their apparent similarity. Substantial
computational advances have occurred in recent years, and we review the numerical simulations
that have been performed to predict the IMF directly and discuss the influence of dynamics,
time-dependent phenomena, and initial conditions.
1. INTRODUCTION
Measuring the Stellar Initial Mass Function (hereafter
IMF), and understanding its genesis, is a central issue in
the study of star formation. It also has a fundamental bear-
ing on many other areas of astronomy, for example, mod-
eling the microphysics of galactic structure and evolution,
and tracking the build-up of the heavy elements that are es-
sential for planet formation and for life. Since it appears
that the formation and architecture of a planetary system
strongly depends on the mass of the host star, and – for
stars in clusters – on feedback effects from nearby massive
stars, an understanding of the IMF is critical on this count
too.
Many theoretical ideas have been proposed to explain
the origin of the IMF. Current popular ideas can be roughly
divided into two opposing categories: models that are de-
terministic and models that are stochastic. Simply put, the
debate is one of nature (cores) versus nurture (dynamics).
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Theories postulating a direct mapping between the Core
Mass Function (CMF) and the IMF are predicated on the
idea that stellar masses are inherited from the distribution of
natal core masses (Padoan and Nordlund, 2002; Hennebelle
and Chabrier, 2008, 2009; Oey, 2011; Hopkins, 2012b). In
such models the origin of the IMF is essentially determin-
istic since they assume that stellar mass is accreted from a
local reservoir of gas. Models for the CMF are based on the
ubiquitous presence of energetic, turbulent motions within
molecular clouds, which naturally create a distribution of
density and velocity fluctuations. Proponents of such mod-
els appeal to the striking similarity between the CMF and
IMF shapes. If the mapping between the CMF and IMF
is sufficiently simple and cores evolve in relative isolation
from one another then the problem of predicting the IMF
reduces to understanding the CMF.
At the opposite extreme, some models propose that fi-
nal stellar masses are completely independent of initial core
masses, and thus any similarity between the IMF and CMF
is coincidental (Bonnell et al., 2001b; Bate et al., 2003;
Clark et al., 2007). Models which emphasize the impor-
tance of dynamical interactions and stochastic accretion, for
example those based on the idea of stars competing for gas,
fall in this category. The dynamical view of star forma-
tion has its roots in early, simple numerical studies. Larson
(1978) was the first to perform numerical simulations of the
collapse of a cloud to form a group of protostars and empha-
sized that a mass spectrum of objects could be obtained, “at
least in part by accretion processes and the competition be-
tween different accreting objects”. Both Larson (1978) and
Zinnecker (1982) developed simple analytic models, find-
ing that mass spectra of the form dN/d logM ≈M−1 (re-
sembling the high-mass end of the IMF) could be produced
by protostars competing for the accretion of gas from their
parent cloud. This pioneering work was neglected for close
to two decades until more advanced numerical simulations
of the formation of groups of protostars could be performed.
Advances in computational power have subsequently in-
creased the scope and utility of numerical simulations of
star formation. Current state-of-the-art calculations of clus-
ter formation may include a variety of physical effects as
well as resolution down to AU scales. A variety of param-
eter studies have enabled the exploration of the IMF as a
function of initial conditions and environment. Although
still physically incomplete, these simulations provide tan-
talizing clues on the origin of the IMF in addition to a
wealth of secondary metrics such as gas kinematics, accre-
tion disk properties, stellar velocities, and stellar multiplic-
ities, which provide further constraints on IMF theories.
Meanwhile, challenges persist for the observational de-
termination of the IMF. While observations of resolved stel-
lar populations support a universal stellar IMF, statistics
are sparse for both brown dwarfs and very high-mass stars,
stellar multiplicity is often unresolved, and masses depend
significantly on uncertain stellar evolutionary models. Re-
cent observations are extending beyond local environments
and the Milky Way by employing a variety of techniques.
Persuasive evidence for IMF variations at high-masses has
been presented for extreme regions such as the galactic cen-
ter, giant ellipticals, and dwarf galaxies (van Dokkum and
Conroy, 2010; Cappellari et al., 2012; Lu et al., 2013; Geha
et al., 2013). Although statistical and observational uncer-
tainties remain formidable, these observations provide fresh
impetus for general and predictive theoretical models.
The apparent Galactic IMF invariance and the categor-
ical differences between current theories motivates a num-
ber of important, open questions that we will discuss in this
chapter: What sets the characteristic stellar mass and why is
it apparently invariant in the local universe? Do high-mass
stars form differently than low-mass stars and, if so, what
implications does this have for their relative numbers? How
sensitive is a star’s mass to its initial core mass? To what ex-
tent do dynamical interactions between forming stars influ-
ence the IMF? Finally, what physical effects impact stellar
multiplicity and how does this impinge upon star formation
efficiency? We will address these questions in the context
of current theories and discuss the prognosis for verification
and synthesis of the theoretical ideas given observational
constraints.
We begin by reviewing the observational determination
of the IMF in §2. In §3 we discuss the form of the CMF
and theories for its origin. Next, §4 considers the possible
link between the CMF and IMF. We discuss simulations of
forming clusters in §5 and evaluate the role of dynamics,
time-dependent phenomena and initial conditions in pro-
ducing the IMF. We summarize the status of open questions
and present suggestions for future work in §6.
2. OBSERVATIONAL DETERMINATION OF THE
IMF
2.1. Forms of the IMF
When interpreting observations and models of the IMF,
it is common to compare with standard analytical forms
that have been put forward in the literature. For exam-
ple, studies focusing on stars more massive than a few
M commonly adopt a power-law distribution of the form
dN ∝ M−αdM . This was the form originally adopted
by Salpeter (1955), who determined α = 2.35 by fitting
observational data. Over 55 years later, this value is still
considered the standard for stars above 1 M. However,
this function diverges as it approaches zero, so it is clear
that there must be a break or turn-over in the IMF at low
masses. This was noted by Miller and Scalo (1979) who
found that the IMF was well approximated by a log-normal
distribution between 0.1 and ∼ 30 M, where there is a
clear flattening below 1 M. However, current data sug-
gest that a log-normal under-predicts the number of mas-
sive stars (> 20 M) due to the turn down above this mass,
relative to a continuous power-law (see e.g. Bastian et al.,
2010).
More modern forms often adopt a log-normal distribu-
tion at low masses and a power-law tail above a solar mass
(Chabrier, 2003, 2005). A very similar approach, although
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Fig. 1.— IMF functional forms proposed by various au-
thors from fits to Galactic stellar data. With the exception
of the Salpeter slope, the curves are normalized such that
the integral over mass is unity. When comparing with ob-
servational data, the normalization is set by the total number
of objects as shown in Figure 2.
analytically different, is to represent the full mass range of
the IMF as a series of power-laws, such as in Kroupa (2001,
2002). Above ∼ 0.2 M, the multiple-power-law segments
and log-normal with a power-law tail at high masses agree
very well as shown by Figure 1. However, the form of the
IMF at the low mass end is still relatively uncertain and sub-
ject to ongoing debate (e.g., Thies and Kroupa 2007, 2008;
Kroupa et al. 2013). The philosophical difference between
these two forms reduces to whether one believes that star-
formation is a continuous process or whether there are dis-
tinct physical processes that dominate in certain regimes,
such as at the stellar/sub-stellar boundary.
Other proposed functional forms include a truncated ex-
ponential where dN ∝ M−α(1 − exp[(−M/Mp)−β ])dM
(de Marchi and Paresce, 2001; Parravano et al., 2011), the
Pareto-Levy family of stable distributions, which includes
the Gaussian (Cartwright and Whitworth, 2012), and a log-
normal joined with power laws at both low and high masses
(Maschberger, 2013). It is usually not possible to discrim-
inate between these forms on the basis of observations due
to significant uncertainties. We note that Figure 1 shows
only the proposed IMF functions and not the error associ-
ated with the derivations of these fits from the data. In all
cases shown, the authors fit the galactic field IMF over a re-
stricted mass range and then extrapolated their functional fit
to the whole mass range. Observers and theoreticians now
use these functional forms without any error bars to eval-
uate how well their data (or models) are consistent within
their uncertainties.
2.2. IMF Universality in the Milky Way
2.2.1. Uncertainties in the IMF Determination From Re-
solved Populations
The basic observational method to derive the IMF con-
sists of three steps. First, observers measure the luminosity
function (LF) of a complete sample of stars that lie within
some defined volume. Next, the LF is converted into a
present day mass function (PDMF) using a mass-magnitude
relationship. Finally, the PDMF is corrected for the star for-
mation history, stellar evolution, galactic structure, cluster
dynamical evolution and binarity to obtain the individual-
star IMF. None of these steps is straightforward, and many
biases and systematic uncertainties may be introduced dur-
ing the process. A detailed discussion of these limitations at
low masses and in the substellar regime is given by Jeffries
(2012) and Luhman (2012).
When obtaining the LF, defining a complete sample of
stars for a given volume can be challenging. Studies of field
stars from photometric surveys, either wide and relatively
shallow (e.g. Bochanski et al., 2010) or narrow but deep
(e.g. Schultheis et al., 2006), are magnitude limited and
need to be corrected for the Malmquist bias. Indeed, when
distances are estimated from photometric or spectroscopic
parallax, the volume limited sample inferred will be pol-
luted by more distant bright stars due to observational un-
certainties and intrinsic dispersion in the color-magnitude
relation. This effect can be fairly significant and change the
slope of the luminosity function by more than 10%. Stud-
ies of nearby stars, for which the distance is determined
from trigonometric parallax, are not affected by this bias,
but they are affected by the Lutz and Kelker (1973) bias, in
which the averaged measured parallax is larger than the true
parallax, if the parallax uncertainties exceed 10%. These
issues reduce the studies within 20 pc to a completeness
level of ∼80% (Reid et al., 2007), which results in small
number statistics, especially at low masses. Cluster stud-
ies do not have these problems since a complete sample can
in principle be obtained from the complete cluster census.
However, secure membership cannot be assessed from pho-
tometry alone and proper motion measurements as well as
spectroscopic follow-up are often necessary. In addition,
the remaining contamination by field stars may be large if
cluster properties such as age and proper motion are similar
to the field.
For young star forming regions, differential extinction
may be a significant problem. This is usually taken into
account by limiting the sample up to a given AV . How-
ever, imposing a limit may exclude the more central regions,
which are often more extincted, from the determination of
the LF. If the stellar spatial distribution is not the same at all
masses and, in particular, if mass segregation is present, ex-
cluding high AV sources may introduce a strong bias. Such
an effect can be tested by simulating a fake cluster as in
Parker et al. (2012).
Even with no extinction, mass segregation must be taken
into account because the cluster LF may be different in the
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center and in the outskirts. The best way to account for
this issue is to cover an area larger than the cluster extent.
However, in very rich and distant clusters, this may not be
sufficient. Photometric surveys are blind in the vicinity of
very bright stars since they are not able to detect nearby
faint objects, and crowding can result in blended stars. Both
effects may produce a strong bias in the LF. All the above
considerations clearly show that incompleteness is often a
major problem, one that is more severe at low masses, and
should be treated carefully when determining the LF.
Once the LF has been obtained, the luminosities must
be converted into masses. Different methods may be used,
which convert either absolute magnitude, bolometric lumi-
nosities or effective temperature, and which use either em-
pirical or theoretical relationships. For main sequence stars
with accurate parallax and photometry, dynamical masses
can be measured in binary systems to give an empirical
mass-magnitude relationship (e.g. Delfosse et al., 2000) that
can then be used directly. While there is almost no scatter
and there is good agreement with evolutionary models when
using near-infrared magnitude, this is clearly not the case in
the V-band due to opacity uncertainties and metallicity de-
pendence, especially at lower masses.
Another issue to consider is the age dependence of the
mass-luminosity relation and the difficulty of estimating
stellar ages unless the stars are coeval. The population of
field stars has a large age spread, and many of the oldest
stars have already left the main sequence. In this blended
population, the simplest assumption is that all field stars
are approximately the age of the universe. In this case,
stars more massive than 0.8 M have already left the main
sequence while younger low-mass stars (M < 0.1 M),
which take a considerable amount of time to contract, are
still on the pre-main sequence e.g., Baraffe et al. 1998). In
the substellar domain, the situation is more complicated be-
cause brown dwarfs never reach the main sequence. They
never initiate hydrogen fusion but simply cool with time,
which leads to a degeneracy between mass, effective tem-
perature and age. In principle, position in the HR diagram
could determine both mass and age, but different evolution-
ary models lead to large differences in the deduced masses.
The discrepancy between the Burrows et al. (1997) and
Chabrier et al. (2000) models is mainly around 10% but can
be as large as 100% (Konopacky et al., 2010). Uncertainties
in the models may be due to the formation/disappearance
of atmospheric clouds, equation of state, assumptions for
the initial conditions and accretion (Hosokawa et al., 2011;
Baraffe et al., 2012), treatment of convection, and effect of
magnetic fields (Chabrier and Ku¨ker, 2006). We also note
that even if a model is very accurate, a typical measure-
ment uncertainty of 100 K in the effective temperature may
correspond to a factor of two difference in mass (see e.g.
Burrows et al., 1997).
The last step in the process, which consists of deriving
the IMF from the PDMF, is also subject to many biases as
it often relies on various models and assumptions for the
star formation history, Galactic structure, and stellar evolu-
tion. For example, short-lived massive stars are under rep-
resented in the field population since they evolve to become
white dwarfs or neutron stars. Consequently, an estimate of
the star formation history is required to transform the field
PDMF to the IMF above 0.8 M. Moreover, the low mass
stars are older on average and are more widely distributed
above and below the Galactic plane. This must be corrected
for, especially for nearby surveys that do not explore the full
Galactic disk scale height. In contrast to the field popula-
tion, clusters contain stars of similar age, distance and ini-
tial composition. This is advantageous since we expect the
PDMF of young clusters to be the IMF. However, below 10
Myr, reliable masses are difficult to obtain due to high and
variable extinction, reddening, uncertain theoretical models
(e.g. Baraffe et al., 2009; Hosokawa et al., 2011) and pos-
sible age spread. At older ages the PDMF is more robust
since it is less affected by these uncertainties, however, it
may no longer resemble the IMF.
As discussed above, mass segregation introduces a radial
dependence to the MF that must be taken into account if the
survey does not include the entire cluster. This is true for
all clusters of any age. Indeed many young clusters appear
mass segregated, whereby the most massive stars are more
concentrated toward the center (e.g., Hillenbrand and Hart-
mann, 1998), indicating that mass segregation may be pri-
mordial or can occur dynamically on a very short timescale
(e.g., Allison et al., 2010). More importantly, secular evolu-
tion due to 2-body encounters leads to a preferential evapo-
ration of lower mass members, which shifts the peak of the
MF towards higher masses (De Marchi et al., 2010). How-
ever, N -body numerical simulations suggest this effect is
not important when the cluster is younger than its relaxation
time: trlx = NRh/8 lnNσV (e.g., Adams et al., 2002),
where N is the number of star systems in the cluster, Rh is
the half mass radius, and σV is the velocity dispersion.
Finally, another important limitation is that binaries are
not resolved in most of these studies. Consequently, the
cluster MFs as well as the field MF obtained from deep sur-
veys correspond to the system MF not the individual-star
MF. Correction for binarity can be done for the field stellar
MF but not for the substellar domain since the binary prop-
erties of field brown dwarfs are fairly uncertain. There is
usually no attempt to correct for binarity in clusters, mainly
to avoid introducing additional bias since binary properties
may depend on age and environment.
2.2.2. The Field IMF
Since the seminal study of Salpeter (1955), the Galactic
field stellar IMF is usually described as a power-law with
α = 2.35 above 1 M, although it is occasionally claimed
to be steeper at higher masses (see e.g. Scalo, 1986). Be-
tween 0.1 and 0.8 M, the PDMF corresponds to the IMF
and is now relatively well constrained thanks to recent stud-
ies based on local stars with Hipparcos parallax (Reid et al.,
2002) and the much larger sample of field stars with less
accurate distances (Bochanski et al., 2010; Covey et al.,
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2008; Deacon et al., 2008). The results of these studies
are in reasonable agreement for M < 0.6 M and suggest
the single star IMF at low masses is well described by a
power-law with α ∼ 1.1. The IMF obtained by Bochanski
et al. (2010) suggests a deficit of stars with M > 0.6 M
and is better fitted by either a log-normal with a peak mass
around 0.18 M and σ = 0.34 or a broken power law. How-
ever, the evidence for a peak is weak on the basis of this
mass range alone and the perceived deficit may be due to
neglecting binary companions in systems with total mass
above 0.8 M (Parravano et al., 2011). Although the sta-
tistical uncertainties are much smaller for extended samples
than for small local samples of field stars, the systematic er-
rors are larger, yielding similar final uncertainties in both
cases. Overall, most results are converging on a field IMF
in the stellar domain that has a Salpeter-like slope above
∼ 1 M and flattens significantly below. This distribution
can be equally well represented by segmented power-laws
(Kroupa, 2001) or by a log-normal function with peak mass
of 0.15− 0.25 M (Chabrier, 2005).
In the substellar domain the shape of the Galactic disk
IMF is more uncertain. Instead of converting a LF di-
rectly to a MF, which is hampered by the brown dwarf age-
dependence in the mass-luminosity relationship, the IMF
is usually estimated by predicting the LF via Monte-Carlo
simulations and assuming an IMF functional form and a
star formation history (e.g. Burgasser, 2004). Recent re-
sults from WISE (Kirkpatrick et al., 2012) and UKIDSS
(Burningham et al., 2013; Day-Jones et al., 2013) using this
approach indicate that the substellar IMF extends well be-
low 10 MJup and may be represented by a power law with
−1 < α < 0, although it is still consistent with a log-
normal shape due to the large uncertainties.
2.2.3. The IMF in Young Clusters
Several studies have been carried out in young open clus-
ters with ages of 30-150 Myr to determine the IMF across
the substellar boundary (0.03 M .M . 0.3 M). Since
the comprehensive review by Jeffries (2012), IMF deter-
minations have been obtained using the UKIDSS Galac-
tic Cluster Survey, which includes IC4665 (Lodieu et al.,
2011), the Pleiades (Lodieu et al., 2012a), and α Per
(Lodieu et al., 2012b). The results agree well with pre-
vious studies, indicating that the system IMF is well rep-
resented by a power-law with α ' 0.6 in the mass range
0.03 − 0.5 M or a log-normal with a peak mass around
0.2−0.3 M and σ ' 0.5, consistent with Chabrier (2005).
Results obtained in star forming regions (ONC, ρ-Oph,
NGC2024, NGC1333, IC348, σ-Ori, Cha I, NGC6611, λ-
Ori, Upper Sco; see Bastian et al. 2010 and Jeffries 2012 for
references as well as Lodieu 2013; Alves de Oliveira et al.
2013, 2012; Pen˜a Ramı´rez et al. 2012; Scholz et al. 2012;
Muzic et al. 2012, 2011; Geers et al. 2011; Bayo et al. 2011
for more recent studies) are also in remarkable agreement in
the same mass range (see Figure 2). The only clear excep-
tion is Taurus, which shows an excess of 0.6−0.8 M stars
and peaks at higher masses (Luhman et al., 2009). How-
ever, note that an agreement between the system IMFs does
not necessarily imply agreement between the individual star
IMFs, since binary properties may be different.
At lower masses, the log-normal form may remain
a good parametrization, although this is currently de-
bated, since an excess of low-mass brown dwarfs has
been reported in Upper Sco (Lodieu, 2013) and in σ-Ori
(Pen˜a Ramı´rez et al., 2012), see Figure 2. These excesses
may result from uncertainties in the mass-luminosity rela-
tion at very low masses and young ages.
Obtaining measurements of the IMF at high stellar
masses (M ' 3 − 100 M) is also challenging. Recent
studies since the review from Bastian et al. (2010) include
the young, massive clusters NGC 2264 (Sung and Bessell,
2010), Tr 14 and Tr 16 (Hur et al., 2012), and NGC 6231
(Sung et al., 2013). These regions exhibit a high-mass slope
that is consistent with Salpeter, although the IMF is found
to be slightly steeper for NGC 2264 where α = 2.7 ± 0.1.
In contrast, the MF appears to vary spatially in the much
denser and more massive NGC 3603 and Westerlund 1 clus-
ters, as well as in clusters within the Galactic center such
as the Arches, Quintuplet, and young nuclear star clusters.
The high-mass slopes of these extreme regions appear to
be consistently flatter than the standard IMF in the inner
part of the cluster and steepen toward the outskirts. This is
a strong indication that these clusters are mass segregated
despite their youth. While the global IMF of the Arches is
found to be consistent with a Salpeter IMF (Habibi et al.,
2013), the IMF of Westerlund 1 is controversial since Lim
et al. (2013) report a flatter IMF while Gennaro et al. (2011)
report a normal IMF. In the Quintuplet cluster, Hußmann
et al. (2012) derived an IMF that is flatter than Salpeter, but
they only investigated the central part of the cluster. In the
young nuclear cluster in the Galactic center, Lu et al. (2013)
found a MF slope of α = 1.7 ± 0.2, which is again flatter
than Salpeter. They claim that this region is one of the few
environments where significant deviations have been found
from an otherwise near-universal IMF.
2.3. IMF Universality in the Local Universe
With high-resolution imaging provided by the Hubble
Space Telescope (HST), we can resolve individual stars
out to a few Mpc. This technique has proven to be ex-
tremely powerful for determining the star-formation histo-
ries of galaxies, and in some cases, the stellar IMF can be
directly constrained. In general, these studies are limited
to the high mass portion of the IMF (M > 1 M) simply
due to detection limits, however, a few recent studies have
attempted to push significantly past this limit. It is beyond
the scope of this review to discuss the plethora of studies
that have measured the PDMF/IMF through resolved stellar
populations. Instead, we highlight just a few recent stud-
ies and refer the reader to Bastian et al. (2010) for a more
thorough compilation. See the IMF review by Kroupa et al.
(2013) for an alternative discussion of observational varia-
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Fig. 2.— Recent IMF estimates for 8 star forming regions:
NGC1333, Scholz et al. 2012; IC348, Alves de Oliveira
et al. 2013; NGC6611, Oliveira et al. 2009; NGC2264,
Sung and Bessell 2010; Cha I, Luhman 2007; σ Ori,
Pen˜a Ramı´rez et al. 2012; λ Ori, Bayo et al. 2011 and Up-
per Sco, Lodieu 2013. The error bars represent the Poisson
error for each data point. The solid lines are not a fit to the
data but the log-normal form proposed by Chabrier (2005)
for the IMF, normalized to best follow the data.
tions.
Increasing distance amplifies the potential caveats and
biases present in studies of local regions, e.g., crowding,
photometric errors, unresolved binaries, and mass segrega-
tion. Weisz et al. (2013) have supplied an overview of these
plus additional biases and potential pitfalls and have pro-
vided the statistical tools to account for them. These authors
have collated observations of 89 young clusters and star
forming regions from the literature and have re-calculated
the index of the MF (assuming that it is a power-law) given
the statistical and observational uncertainties. They find
that the best-fit α of 2.46 with a 1σ dispersion of 0.34,
which is similar to Salpeter. Additionally, the authors warn
that deriving a physical upper stellar limit to the IMF is dif-
ficult and fraught with biases and, consequently, could not
be determined from their collected sample.
HST/WFC3 observations of the young, ∼ 105 M clus-
ter Westerlund 1 have measured its MF down to∼ 0.1 M.
While mass segregation is certainly present and the inner
regions are somewhat incomplete, the overall MF is con-
sistent with the expectation of Chabrier (2005), i.e., a peak
around 0.2-0.3 M and a power-law at higher masses with
a nearly Salpeter slope (Andersen et al. in prep).
Using extremely deep HST images, a few recent studies
have attempted to exceed the 1 M boundary in extragalac-
tic studies. For example, Kalirai et al. (2013) have studied a
single HST field in the SMC and have been able to constrain
the MF from 0.37 M to 0.93 M. They find that the data
are well represented by a power-law with index of 1.9. This
is near the index implied by a Chabrier (2005) IMF for an
upper mass of 0.8 − 0.9 M. Surprisingly, a single index
for the IMF was able to reproduce their observations over
this mass range, i.e., they did not find evidence for a flat-
tening at lower masses as expected for a Chabrier (2005)
IMF. For example, at 0.5 M, the expected slope is 1.5
which is within the observational uncertainties. Hence, the
results presented in Kalirai et al. (2013) only differ from the
Chabrier (2005) expectation below∼ 0.45 M and then by
only 1 − 2σ. This highlights the difficulty of fitting a sin-
gle power-law index to the data when a smooth distribution
with a continuously changing slope is expected.
We conclude that currently there is no strong evidence
(more than 2σ) for IMF variations within local galaxies as
determined from studies of resolved stellar populations.
2.4. Extragalactic Determinations of the IMF
While techniques to infer the IMF in extragalactic envi-
ronments are necessarily more indirect than those used lo-
cally, the ability to sample more extreme environments pro-
vides a promising avenue to discover systematic variations.
We refer the reader to Bastian et al. (2010) for a summary of
extragalactic IMF studies that were published before 2010.
These authors concluded that the majority of observations
were consistent with a normal IMF and that many of the
claims of systematic IMF variations were potentially due
to the assumptions and/or complications, such as extinction
corrections and systematic offsets in star-formation rate in-
dicators, in the methods used.
Since 2010, there has been a flurry of IMF studies fo-
cusing on ancient early type (elliptical) galaxies. These
studies have employed two main techniques. Either they
dynamically determine the mass of galaxies in order to
compare their mass-to-light ratios to the expectations of
stellar population synthesis (SPS) models (e.g., Cappellari
et al. 2012) or they use gravity sensitive integrated spec-
tral features to determine the relative numbers of low-mass
(M < 0.5 M) stars (e.g., van Dokkum and Conroy 2010).
Contrary to previous studies that found an over-abundance
of high mass stars, i.e., a “top-heavy” IMF, in the high-
redshift progenitors of these systems (e.g., Dave´, 2008), the
above studies have suggested an over-abundance of low-
mass stars, i.e., a “bottom-heavy” IMF, which is consistent
with a Salpeter slope (or steeper) down to the hydrogen-
burning limit. However, it is important to note that while
both types of studies find systematic variations, namely that
galaxies with higher velocity dispersion have more bottom-
heavy IMFs, the reported variations are much smaller than
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had been previously suggested. The most recent results are
within a factor of ∼ 2− 3 in total mass for a given amount
of light.
One potential caveat is that the above analyses depend
on comparing observed properties with expectations of SPS
models. While a large amount of work has gone into de-
veloping such models, i.e., by investigating stellar evolu-
tion and atmospheres, it is necessary to calibrate the mod-
els with known stellar populations. For old populations,
this is generally done with globular clusters (e.g., Maras-
ton et al. 2003; Conroy and Gunn 2010). However, there
is a deficit of resolved globular clusters in the Galaxy and
Magellanic Clouds that reach the relatively high metallicity
(Z ≥ 1/2 Z) of elliptical galaxies. Hence, it is neces-
sary to extrapolate the SPS models outside the calibrated
regime. Using the higher metallicity globular cluster pop-
ulation of M31, Strader et al. (2011) tested the validity of
SPS extrapolations and found systematic offsets between
the observations and SPS model predictions. Interestingly,
the offset goes in the opposite direction to that inferred from
the dynamical studies of elliptical galaxies, which may im-
ply larger IMF variations.
We conclude that while elliptical galaxies show intrigu-
ing evidence for systematic IMF variations, which are po-
tentially due to their unique formation environment, uncer-
tainties underlying the current techniques require further
study to confirm these potential systematic variations.
3. THE FORM AND ORIGIN OF THE CMF
Observations of the IMF necessarily occur after the natal
gas has formed stars or been dispersed. However, examin-
ing the properties of molecular clouds and the star forma-
tion within provides clues for the initial conditions of star
formation and how gas collapses and produces the IMF.
Within molecular clouds, observers find dense condensa-
tions, often containing embedded protostars, which appear
to have masses distributed like the IMF. A natural possibil-
ity is that these “cores” serve as gas reservoirs from which
stars accrete most of their mass. If stellar masses are in-
deed largely determined by the amount of gas in their par-
ent cores then understanding the origin and distribution of
core masses becomes a fundamental part of understanding
the IMF.
Before continuing we define several important terms that
we use throughout the chapter. Henceforth, a core refers to
a blob of gas which will form one to a few stars, i.e., a sin-
gle star system. A prestellar core is one that is expected to
undergo collapse but is not yet observed to contain a pro-
tostar. In contrast, a clump refers to a larger collection of
gas, which will likely form a cluster of stars. A star form-
ing clump specifically indicates a clump that is observed to
contain several forming stars, while CO clumps are simply
large interstellar clouds that are observed in CO. The exact
meaning of these terms varies widely in the literature, and
we discuss the observational challenges of core and clump
definition further in §4.
The possible importance of cores in the star formation
process leads to a central question: What determines the
mass reservoir that is eventually accreted by a star and when
is it determined (before the star forms or concomitant with
it)? A natural possibility is that this reservoir is broadly
traced by the population of observed, dense prestellar cores.
In this scenario, observationally identified cores constitute
a large part of the final stellar mass. This does not preclude
gas expulsion by winds, division of mass into binary and
multiple systems, and further core accretion from the sur-
rounding medium during collapse. These processes are all
expected to have some influence but are assumed to be sec-
ondary in importance to the core masses. We dedicate this
section to discussing observations and theories for the CMF.
3.1. Observational Determination of the CMF
The first determination of the CMF was achieved 15
years ago using millimeter continuum dust emission in
nearby molecular clouds, namely ρ-Oph (Motte et al., 1998;
Johnstone et al., 2000) and Serpens (Testi and Sargent,
1998). In these studies, cores were identified from the emis-
sion data using either a wavelet analysis (Langer et al.,
1993; Starck et al., 1995) or “ClumpFind” (Williams et al.,
1994), a procedure which separates objects along minimum
flux boundaries. About 30-50 objects were identified in
each case with masses spanning a wide range (∼ 0.1 M -
10 M). These condensations appear sufficiently dense and
compact to be gravitationally bound. The inferred core ra-
dial densities suggest that they are similar to Bonnor-Ebert
spheres with a constant density in the central region. All
three studies found a similar core mass spectrum. Below
0.5 M, the mass distribution scales as dN/dM ∝M−1.5,
while above ∼ 0.5 M, the distribution is significantly
steeper and consistent with a power-law dN/dm ∝ M−α
where α ' 2 − 2.5. The authors cautioned that the low-
mass part of the distribution was likely affected by insuf-
ficient sensitivity and resolution. The inferred high-mass
distribution is significantly steeper than the mass spectrum
inferred for CO clumps which have α ' 1.7 (Heithausen
et al., 1998; Kramer et al., 1998). The authors noted that the
steep mass spectrum was reminiscent of the Salpeter IMF
slope and proposed that the observed cores were indeed
the reservoirs that would contribute most of the eventual
stellar masses. More recent observations by Enoch et al.
(2007) found similar results for the CMFs of Perseus and
Ophiuchus but a shallower mass distribution for Serpens
(α ' 1.6).
The CMF has also been inferred in the Pipe Nebula
(Alves et al., 2007; Roma´n-Zu´n˜iga et al., 2010) using near-
infrared extinction maps produced from the 2MASS point
source catalogs (Lombardi et al., 2006). This technique
nicely complements the results based on dust emission be-
cause it is independent of dust temperature. The cores iden-
tified in the Pipe Nebula are all starless and much less dense
than the cores previously observed in emission, suggesting
that they may be at a very early evolutionary stage. For
7
masses larger than about 3 M, the mass spectrum is again
very similar to the Salpeter IMF, but at lower masses it dis-
plays a flat profile with a possible peak around 1 M. Al-
together the mass distribution has a shape similar to the
Chabrier and Kroupa IMFs but is shifted towards larger
masses by a factor of ∼ 3. Nutter and Ward-Thompson
(2007) obtained similar results in Orion. The CMF offset
from the IMF has often been interpreted as a core-to-star
conversion efficiency of about 1/3.
The most recent determination of the CMF has been ob-
tained for the Aquila rift cloud complex using HERSCHEL
data (Andre´ et al., 2010; Ko¨nyves et al., 2010). Since more
than 500 cores have been detected, the statistics are about
one order of magnitude better than in the previous stud-
ies. Most of the cores appear to be gravitationally bound,
meaning that the estimated core masses are comparable to
or larger than the local Jeans mass. The HERSCHEL data
confirm the conclusions of the previous studies: for high
masses the CMF slope is comparable to Salpeter, while
at low masses the CMF turns over with a peak located at
∼ 1 M. The CMF has also been inferred in the Polaris
cloud, which is much less dense than Aquila and is non-star
forming. Interestingly, the identified cores do not appear
to be self-gravitating, but the core mass spectrum still re-
sembles a log-normal, but it peaks at a much smaller value
(' 2 × 10−2 M, Andre´ et al. 2010). In summary, the
observed CMF in star-forming regions can generally be fit-
ted with a log-normal and resembles the IMF but shifted to
higher masses by a factor of 3.
Finally, we note that cores within Infrared Dark Clouds
(IRDCs) also have a mass distribution that is similar to the
IMF shape. Peretto and Fuller (2010) derived a clump mass
spectrum from the Spitzer GLIMPSE data catalog of IRDCs
(Peretto and Fuller, 2009). They found that while the mass
spectrum of the IRDCs themselves was similar to the mass
distribution inferred for CO clumps (α ' 1.7), the mass
spectrum of the embedded structures was steeper and com-
parable to the Salpeter IMF (although see also Ragan et al.
2009 and Wilcock et al. 2012). Unfortunately, their obser-
vational completeness limit did not allow a determination
of the distribution peak. The discrepant slopes of core and
clump distributions may indicate a transition scale, which
we discuss below in the context of theoretical models.
Fifteen years of investigation and increasingly high qual-
ity data have reinforced the similarity between the shapes of
the CMF and the IMF at large masses. At lower masses, a
change in the slope of the mass spectrum around a few so-
lar masses appears to be a common feature of many studies.
However, a definitive demonstration of such a peak will re-
quire better observational completeness limits.
3.2. Analytical Theories for the CMF
If the distribution of stellar masses is in some way inher-
ited from the distribution of core masses then theories pre-
dicting the CMF are an important first step in understand-
ing the IMF. At this point, we stress that the theories pre-
sented below attempt to infer the mass of the gas reservoir
that eventually ends up in the stars rather than the masses
of cores as defined observationally. Indeed these latter are
transient objects, whose masses are time-dependent, which
are difficult to properly model using a statistical approach.
In some circumstances, such as in especially compact and
clustered regions, discrete cores are difficult to identify ob-
servationally. However, individual “reservoirs” (collapsing
regions of gas from which an embedded protostar will ac-
crete most of its mass) can still be well-defined theoreti-
cally. In the following section, for convenience we use
CMF to refer to the mass distribution of the stellar mass
reservoirs even though these objects are likely somewhat
different than observed cores.
Turbulence is ubiquitous in the interstellar medium and
appears to be intimately bound to the process of star forma-
tion (Mac Low and Klessen, 2004; Elmegreen and Scalo,
2004; Scalo and Elmegreen, 2004). Most theories of the
CMF are predicated on the dual effects of turbulence. Su-
personic turbulent motions can both disperse gas and pro-
vide support against gravity (Bonazzola et al., 1987). In
the ISM, turbulent support appears to be extremely im-
portant, since turbulent motions approximately balance
gravity within giant molecular clouds (GMCs) and other
cold, dense regions where the thermal pressure is negligi-
ble (Evans, 1999). However, this support cannot simply be
treated as hydrostatic “pressure.” The same turbulent mo-
tions necessarily generate compressions, shocks, and rar-
efactions; since these effects are multiplicative, the central
limit theorem naturally leads to a log-normal density dis-
tribution whose width increases with the Mach number,M
(see Vazquez-Semadeni 1994, Padoan et al. 1997; although
some non-log-normal corrections are discussed in Hopkins
2013b). Because density fluctuations grow exponentially
while velocities grow linearly, the presence of supersonic
turbulence will always produce dense, local regions that
are less stable against self-gravity, even if turbulent mo-
tions globally balance gravity.
Padoan et al. (1997) presented one of the first models
to combine the effects of density fluctuations and gravity
to predict a CMF. Assuming a log-normal density proba-
bility density function (PDF) and isothermal gas, they esti-
mated the number of regions in which the density would be
sufficiently high so that gravity overwhelmed thermal sup-
port. They further assumed these regions should be anal-
ogous to observed cores. Their method naturally predicts
a log-normal-like CMF with a peak and a power-law ex-
tension at high masses. In this calculation, the peak of the
IMF comes from the log-normal density PDF, which stiffly
drops at high density. The slope of the distribution at high
masses reflects the counting of thermal Jeans masses in a
medium that follows a log-normal density distribution. The
result is similar to observed CMFs, although both the high
and low-mass slopes predicted appear to be shallower than
those observed. Padoan et al. (1997) noted two main limi-
tations to their derivation. First, they neglected local turbu-
lent support. Second, gravitational instability, and the ac-
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tual mass of a region, depends not just on the density and
temperature but also on the size scale. Padoan and Nord-
lund (2002) extended this method by adopting the simple
heuristic assumption that the size of each region followed
the characteristic size scale of post-shock gas, which could
be computed given some M. They argued that this more
naturally led to a power-law high-mass slope.
Inutsuka (2001) was the first to approach the problem
of the CMF with the formalism from Press and Schechter
(1974), which is used within cosmology to calculate the
mass function of dark matter halos. Hennebelle and
Chabrier (2008, 2009) then extended this previous work in
more detail. As in Press and Schechter (1974), Hennebelle
and Chabrier (2008) assumed the gas density is a Gaussian
random field, although in the context of turbulent clouds the
field becomes log-density rather than linear-density. If the
density power spectrum is known, the density can be eval-
uated for all scales, resolving the second limitation above.
The fluctuations on all scales can be compared to some
threshold to assess gravitational boundedness and, thus,
calculate the mass spectrum of self-gravitating turbulent
fluctuations above some simple over-density. By consider-
ing the importance of turbulent as well as thermal support in
defining self-gravitating regions, Hennebelle and Chabrier
(2008) predicted a CMF with a peak, a Salpeter-like power-
law at high masses, and a rapidly declining (“stiff”) distri-
bution at low masses. This multi-scale approach provides
one solution for the “cloud-in-cloud” problem identified
by Bond et al. (1991).This problem arises because small
scale structures are generally embedded within larger ones,
which complicates structure counting. The original formu-
lation by Press and Schechter (1974) suffered from this
problem and led them to overestimate the number of struc-
tures by a factor of 2 (Bond et al., 1991). The Hennebelle
and Chabrier (2008) approach also accounts for turbulent
fragmentation but not for gravitationally induced fragmen-
tation, which is much more difficult to include. Hennebelle
and Chabrier (2008) found that their prediction for non-
self gravitating masses agreed well with the observed mass
spectrum of CO clumps but was less consistent with the
IMF-like observed CMF.
Hopkins (2012a,b) extended this approach even further
to encompass the entire galactic disk and include rotational
support. This invokes “excursion set theory,” which is es-
sentially the theory of the statistics of random walks. Ex-
cursion set theory was first applied to cosmology by Bond
et al. (1991) to make the Press & Schechter approach math-
ematically rigorous and solve the cloud-in-cloud problem
(for a review of its current applications in cosmology, see
Zentner 2007). In short, imagine constructing a statistical
realization of the density field. In the context of star for-
mation, one can use the density power spectrum of super-
sonic turbulent gas to correctly include contributions from
flows on different scales. Hopkins showed that the density
variance versus scale, which is the most important quantity
needed to construct the density field, naturally follows from
the largest Mach numbers in the galactic disk. Next, one
picks a random point in the field and smooths the gas den-
sity around that point in a “window” of some arbitrary ra-
dius. As this radius increases from zero to some arbitrarily
large value, the mean density in the window can be com-
pared to some threshold governing the self-gravitating col-
lapse of the gas. The threshold may be computed by includ-
ing thermal, turbulent, magnetic, and rotational support and
varies as a function of the size scale. If the field crosses this
threshold at any point, then there is both a minimum and
a maximum “window radius” in which the smoothed field
is above the threshold. Within this window, the field may
cross back-and-forth multiple times. Excursion set theory
naturally resolves the cloud-in-cloud problem by explicitly
predicting sub-structures inside of larger structures. And
indeed, because of the very large dynamic range of turbu-
lence in galaxies, self-gravitating objects inherently include
self-gravitating sub-structures on a wide range of scales.
Hopkins defined the “first crossing” as the largest
“smoothing scale” for which a structure is self-gravitating
and demonstrated that the predicted mass spectrum and
properties such as the size-mass and linewidth-size rela-
tions of the objects agreed very well with those of molec-
ular clouds. At the other extreme, on small scales where
thermal support becomes important, there is always a min-
imum self-gravitating scale, the “last-crossing”, within a
structure. Hopkins (2012a) showed that the distribution
of structures defined by the last-crossing agreed well with
the CMF. In fact, under the right circumstances, the pre-
dicted last-crossing distribution reduces to the Hennebelle
& Chabrier formulation. Figure 3 illustrates the predictions
of the various theories and shows the corresponding mass
functions. Because the turbulent cascade is set by the global
galactic disk properties, this approach naturally predicts an
invariant CMF/IMF at high masses within the Milky Way
(Hopkins, 2013c). Hopkins (2013d) also noted that this
formalism also predicts the clustering of cores, which is
analogous to galaxy clustering. Consequently, these statis-
tics provide a quantitative explanation for the large-scale
clustering in star formation.
Statistical tools, such as excursion set theory, are the
theoretical analog of new observational metrics such as
“dendrograms”; both seek to describe the statistical hier-
archy of self-gravitating structures as a function of scale
(Rosolowsky et al., 2008b; Goodman et al., 2009). Com-
paring theory with observations requires the additional step
of smoothing the observed gas on various scales and ac-
counting for projection effects, which may be challenging
(e.g., Beaumont et al. 2013). However, by constructing the
statistics of self-gravitating objects defined on their small-
est/largest self-gravitating scales, it is possible to rigorously
define the observational analog of last/first crossings. One
can imagine even more powerful constraints can be ob-
tained by using these methods to directly compare the be-
havior of the density and velocity fields as a function of
smoothing scale (e.g., by examining power spectra, covari-
ance, the spatial correlation function of self-gravitating re-
gions on different scales, or rate of “back-and-forth” cross-
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ings as a function of scale). This would allow observations
and theory to compare the entire dynamic range of turbulent
fragmentation using all the information in the field rather
than focusing on some, ultimately arbitrary, definition of a
“core” and a “cloud.”
In summary, these theories provide a natural link be-
tween the CMF, GMC mass function, and star cluster mass
function for a wide range of systems. This link derives
from the inherently scale free physics of turbulent fluctua-
tions plus gravity. The most robust features of these models
are the Salpeter-like slope (α ∼ 2.2− 2.4), which emerges
generically from scale-free processes, and the log-normal-
like turnover, which emerges from the central limit theo-
rem. The location of the turnover, in any model where tur-
bulent density fluctuations are important, is closely tied to
the sonic length, which is the scale, Rs, below which ther-
mal or magnetic support dominates over turbulence. Be-
low this scale density fluctuations become rapidly damped
and cannot produce new cores. As a result, the location of
the peak, and the rapidity of the CMF turnover below it,
depend dramatically on the gas thermodynamics (Larson,
2005; Jappsen et al., 2005). Unlike what is often assumed,
however, the dependence on thermodynamics displayed by
turbulent models and simulations with driven turbulence is
not the same as a Jeans-mass dependence (see Hennebelle
and Chabrier 2009). The difference between the scaling of
the Jeans mass, MJ ' c3s/(ρ1/2G3/2), and the sonic mass,
Ms ' v2turbRs/G, can be dramatic when extrapolating to
extreme regions such as starbursts where the turbulent ve-
locity, vturb, is large (Hopkins, 2013c). Consequently, a
better understanding of the role of thermodynamics in ex-
treme environments is needed.
Other processes such as magnetic fields, feedback from
protostars, and intermittency of turbulence may also be im-
portant and are not always considered in these models (see
§5 and the PPVI review by Krumholz et al.). For exam-
ple, supersonic turbulence is intermittent and spatially cor-
related, so both velocity and density structures can exhibit
coherency and non-Gaussian features, including significant
deviations from log-normal density distributions (Feder-
rath et al., 2010; Hopkins, 2013b). In addition, the mod-
els above generally assume a steady-state system, where in
fact time-dependent effects may be critical (see §5). Cer-
tainly these effects are necessary to consider when trans-
lating the CMF models into predictions of star formation
rates (Clark et al. 2007; Federrath and Klessen 2012; PPVI
review by Padoan et al.). Preliminary attempts to incor-
porate time-dependence into the models (Hennebelle and
Chabrier, 2011, 2013; Hopkins, 2013a) are worth explor-
ing in more detail in future work.
3.3. The CMF Inferred from Numerical Simulations
A variety of numerical simulations have been performed
to study the origin of the CMF and the IMF (see §5 for a dis-
cussion of cluster simulations). Here, we consider a sub-set
of numerical simulations that focus on modeling turbulence
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Fig. 3.— Core mass spectrum and GMC mass spectrum cal-
culated by (Hopkins, 2012b) as a function of stellar mass
and sonic mass. The grey dotted curve shows the CMF
inferred by (Hennebelle and Chabrier, 2008), while the
lines indicate structures defined by the last (grey dashed)
and first crossing (dot-dashed) of the self-gravitating bar-
rier. The Chabrier (2005) and Kroupa (2001) fits to the
observed IMF are shown by the grey dashed and light-grey
dot-dashed lines, respectively. Observed Milky Way GMCs
are indicated by the solid grey line with circles.
and the formation of cores. The most important assump-
tions in these simulations are the explicit treatment of self-
gravity and turbulent driving, since these two processes lie
at the very heart of the analytic models described above.
Other physical processes such as magnetic fields and the
equation of state are also very important but we temporar-
ily ignore these for the purpose of comparing the analytic
models to simulations. A more technical but severe issue is
the definition of the object mass used to compute the mass
spectrum. First, the exact definition of a core can be impor-
tant, and second, “sink” particles are often used to mimic
protostars or cores that accrete from the surrounding gas.
Given that these sinks cannot self-consistently model all the
relevant physical processes, they are usually intermediate
between a core and a star, although when feedback is prop-
erly accounted for, they may more closely resemble a star
(see §5.2). Another crucial issue is numerical resolution.
Broadly speaking, the IMF covers about four orders of mag-
nitude in mass, which corresponds to five to seven orders of
magnitude in spatial scales assuming a typical mass-size re-
lation M
CORE
∝ L1−2 (e.g., Larson 1981). Since most nu-
merical simulations span less than five orders of magnitude,
the mass spectrum they compute is necessarily limited.
The CMF has been determined in driven turbulence
simulations without self-gravity, where prestellar cores are
identified as regions that would have been gravitationally
bound if gravity had been included. The exact cores iden-
tified depend on the types of support considered. Padoan
et al. (2007) performed both hydrodynamical and magne-
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tohydrodynamical simulations without gravity. They found
that when only thermal support was considered in the core
determination, the mass spectrum was too steep with α =
3. When magnetic pressure support was included in the
core definition, the mass spectrum became shallower and
α ' 2 − 2.5, which is similar to the Salpeter exponent.
Schmidt et al. (2010) performed similar simulations using
both solenoidal and compressive random forcing and in-
cluding thermal and turbulent support. They also found that
when only thermal support was used to assess core bound-
edness, the mass spectrum was too steep with α ' 3. When
turbulent support was included, the mass spectrum again
became shallower and the slope approached the Salpeter
slope. Schmidt et al. (2010) also demonstrated that the posi-
tion of the distribution peak noticeably depends on the tur-
bulent forcing. The peak shifts towards smaller masses for
compressive forcing. This occurs because as the gas expe-
riences more compression, smaller collapsing regions are
generated; the sonic mass (and Jeans mass in those dense
regions) became smaller because the fraction of compres-
sive motions increased. This effect is also predicted by an-
alytic models. Schmidt et al. (2010) performed quantita-
tive comparisons with both the predictions by Hennebelle
and Chabrier (2008) and the hydrodynamical predictions
by Padoan et al. (1997) and found good agreement.
Simulations that include both turbulence and self-gravity
have been performed by a variety of groups (see §5). Of par-
ticular interest here, Smith et al. (2009) used simulations to
investigate the CMF, the IMF, and the correlation between
them. They obtained the CMF by defining prestellar cores
on the basis of either the gravitational potential or thermal
and turbulent support and defined the IMF as the distribu-
tion of sink masses. Smith et al. (2009) found that both
the simulated CMF and the particle mass function resem-
bled the observed IMF. To investigate the correlation be-
tween the two, they identified the core in which a sink par-
ticle forms (the parent core), and tracked the relationship
between the sink masses and parent cores in time. They
found that the correlation remained very good for about
three free-fall times, indicating that sink masses, at least for
early times, are determined by their parent core. We dis-
cuss this work further and its relevance for understanding
the link between the CMF and IMF in §4.
4. THE LINK BETWEEN THE CMF AND THE IMF
Star forming molecular clouds are observed to contain
ensembles of cores whose mass distribution closely resem-
bles the stellar IMF. As discussed in §3, theoretical mod-
els of turbulent fragmentation predict distributions of core
masses that also resemble the IMF. At first glance, we
would appear to be done: the theoretical core mass func-
tion resembles the observed core mass function, which in
turn resembles the stellar IMF.
However, the picture is not so simple. If the shape of
the IMF derives directly from the shape of the CMF, sev-
eral conditions must hold. First, all observed cores must
be truly “prestellar”, i.e., bound structures destined to con-
dense into stars. Second, cores must not alter their mass by
either accretion or mergers, or, if they do, they must do so in
a self-similar fashion such that the shape of the CMF is pre-
served. Third, all cores must have the same star formation
efficiency. Fourth, if cores undergo internal fragmentation,
they must do so in a self-similar fashion. Fifth, all cores
must condense into stars at the same rate; otherwise, cores
that condense more slowly will be over-represented in the
CMF. Figure 4 illustrates what happens when each of these
five conditions is violated. Finally, it remains to be shown
that the cores produced by turbulent fragmentation theory
can sensibly be identified with observed cores.
4.1. Inferring the Intrinsic Properties of Prestellar
Cores
4.1.1. Masses and Thermal Support
While observational studies of the CMF have tried to en-
sure that the cores identified are truly prestellar, there are
many uncertainties. Since a prestellar core is by definition
destined to form a single star or multiple system, an impor-
tant quantity is the estimated ratio of the core mass to Jeans
mass, which is commonly used by observers to determine
whether a core is gravitationally bound. Unfortunately, this
fundamental quantity is extremely sensitive to the derived
temperature of the core, going as,
M
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where F
λ
is the monochromatic flux from the core, D is its
distance, Ω is the solid-angle enclosed by the core’s bound-
ary, T
DUST
is the dust temperature, κ
λ
is the monochromatic
mass-opacity (due to dust, but normalized per unit mass of
dust and gas), kB is the Boltzmann constant,G is the univer-
sal gravitational constant, m¯ is the mean gas particle mass,
and c is the speed of light. Observational estimates of this
ratio are very uncertain, primarily because κ
λ
and T
DUST
are heavily degenerate (Shetty et al., 2009a,b). The situation
has been improved by HERSCHEL (Andre´ et al., 2010). By
combining HERSCHEL multi-wavelength data with a care-
ful statistical analysis, it is possible to break these degenera-
cies (Kelly et al., 2012; Launhardt et al., 2013). However,
estimates still typically assume that the dust and gas have
the same temperature, which is only likely above a number
density of ∼ 105 cm−3 when the dust and gas thermally
couple (e.g., Glover and Clark 2012). Consequently, the
question of whether an observed core truly belongs in the
prestellar CMF (i.e., M
CORE
/M
JEANS
> 1) can be fraught.
4.1.2. Non-thermal Support
Constraints on the kinematics of cores can be obtained
from observations of molecular line profiles (e.g., Andre´
et al. 2007), but the kinematic information is normally
convolved with the effects of inhomogeneous abundances
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could arise if the low-mass cores in the CMF finish before the high-mass cores.
Fig. 4.— At the beginning of section 4, we discuss the con-
ditions that are necessary for the CMF to map to the IMF.
These schematics illustrate what would happen if each of
these conditions were to be violated.
and excitation conditions, finite resolution, superposition of
emission from disparate regions along the line of sight, or
optical-thickness (concealment of regions along the line of
sight). In addition, spectra only probe the radial component
of the velocity. These uncertainties aside, the line-widths
measured from observations of N2H+, NH3, and HCO+
towards dense cores in Perseus and Ophiuchus suggest that
the internal velocities, while generally sub-sonic, can con-
tribute a significant amount of energy (Andre´ et al., 2007;
Johnstone et al., 2010; Schnee et al., 2012). Consequently,
some of the cores identified purely on the basis of dust emis-
sion or extinction may actually be unbound, transient ob-
jects. Enoch et al. (2008) demonstrated that this is likely
to affect only the lowest mass-bins of their CMF, and then
only by a small amount, but they note that the statistics are
still small.
Similar constraints pertain to estimates of the magnetic
field in cores. Field estimates are obtained using either the
Zeeman effect, which only probes the line-of-sight compo-
nent, or the Chandrasekhar-Fermi conjecture, which can be
used to estimate the transverse component. Crutcher et al.
(2009) presented statistical arguments to suggest that mag-
netic fields are not able to support prestellar cores against
gravity. However, observing magnetic field strengths in
cores is challenging (see PPVI chapter by Li et al. for more
discussion).
4.1.3. Extracting Cores from Column Density Maps
Any evaluation of the CMF inherently depends on the
procedure used to identify cores and map their boundaries.
Different algorithms (e.g., GAUSSCLUMPS, Stutzki and
Guesten 1990; CLUMPFIND, Williams et al. 1994; dendro-
grams, Rosolowsky et al. 2008b), even when applied to the
same observations, do not always identify the same cores,
and when they do, they sometimes assign widely different
masses. Interestingly, different methods for extracting cores
usually find similar CMFs even though there may be a poor
correspondence between individual cores (for example, the
CMFs derived for Ophiuchus by Motte et al. 1998 and by
Johnstone et al. 2000). A similar problem arises in the
analysis of simulations (Smith et al., 2008). Pineda et al.
(2009) have shown that the number and properties of cores
extracted often depend critically on the values of algorith-
mic parameters. Therefore, the very existence of the cores
that contribute to an observed CMF should be viewed with
caution, particularly at the low-mass end where the sample
may be incomplete (Andre´ et al., 2010).
4.2. Phenomenology of Core Growth, Collapse and
Fragmentation
In the theory of turbulent fragmentation, cores form in
layers assembled at the convergence of large-scale flows or
in shells swept up by expanding nebulae such as HII re-
gions, stellar wind bubbles and supernova remnants. Nu-
merical simulations indicate that these cores are delivered
by a complex interplay between shocks, thermal instabil-
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ity, self-gravity and magnetic fields, moderated by thermal
and chemical microphysics and radiation transfer (Bhattal
et al., 1998; Klessen, 2001; Clark and Bonnell, 2005, 2006;
Va´zquez-Semadeni et al., 2007; Padoan et al., 2007; Hen-
nebelle et al., 2008; Banerjee et al., 2009; Heitsch et al.,
2011; Walch et al., 2012). Due to the anisotropies intro-
duced by shocks, magnetic fields, and self-gravity, these
layers and shells tend to break up first into filaments from
which cores then condense, in particular at the places where
filaments intersect. However, all cores do not form stars;
some disperse without forming stars and others may be as-
similated by larger cores.
The main focus of star formation is those cores that be-
come gravitationally unstable. A number of authors have
studied collapsing cores in numerical simulations (Klessen
et al., 2000; Klessen, 2001; Tilley and Pudritz, 2004; Clark
and Bonnell, 2005, 2006; Va´zquez-Semadeni et al., 2007;
Smith et al., 2009). These studies show that very low-mass
objects (M
CORE
< 0.5 M ) tend not to be self-gravitating
but are instead transient structures with excess turbulent and
thermal energy. In contrast, the first gravitationally unsta-
ble cores to form in these simulations are always around the
mean thermal Jeans mass, M
CORE
∼ 1M . Structure de-
compositions of these clouds yield mass functions that re-
sembles the CMF even though most of the identified “cores”
are unbound and transient.
Studies that include sink particles and employ La-
grangian fluid methods have investigated the mapping be-
tween the masses of prestellar cores at the point they be-
come bound and the final masses of the stars that form
within them (Clark and Bonnell, 2005; Smith et al., 2009).
To date, such studies have only been done with smoothed
particle hydrodynamics, but a similar analysis could be per-
formed using tracer particles in Eulerian fluid codes. As
previously mentioned in §3 there appears to be a good cor-
relation between core and star masses at early times, but
the correlation erodes after several core dynamical times.
Chabrier and Hennebelle (2010) reanalyzed the Smith et al.
(2009) data to quantify the CMF/IMF correlation by com-
paring the distributions with a simple Gaussian distribu-
tion. They found that the level of mismatch between stellar
masses and the parent cores can be reproduced with a mod-
est statistical dispersion of order one third of the core mass.
However, the final mismatch between stellar masses and
their natal core masses in these studies could in part be due
to the dense initial conditions employed, the lack of feed-
back to halt accretion, and limited dynamic range. More re-
cent simulations follow the assembly of cores from typical
GMC densities (e.g., Glover and Clark 2012) or from even
lower densities typical of the ISM (e.g., Hennebelle et al.
2008; Clark et al. 2012), and these may provide a more
useful framework within which to evaluate the core forma-
tion process. Such studies have the advantage of capturing
the transition between the line-cooling and dust-cooling
regimes, and the characteristic stellar mass may depend
upon the conditions of the gas at this transition (Larson,
2005; Jappsen et al., 2005).
Numerical calculations suggest that the flow of material
onto cores is highly anisotropic, where the largest and most
fertile cores acquire much of their mass from the filaments
in which they are embedded (e.g., Whitworth et al. 1995;
Smith et al. 2011). Moreover, some of the material flow-
ing into a core may already have formed stars before it ar-
rives at the center (Girichidis et al., 2012). These stars can
then continue to grow by competitive accretion while cold,
dense gas remains (Bonnell et al., 1997; Delgado-Donate
et al., 2003) Stars may become detached from the gas reser-
voir if they are ejected through dynamical interactions with
other stars (Reipurth and Clarke, 2001). Even if the ma-
terial flowing into a core has not yet condensed into a star
when it arrives, the anisotropic inflow manifests itself as
turbulence in the core, and therefore creates sub-structure
that may help the core to fragment (Goodwin et al., 2004;
Walch et al., 2012).
However, early simulations and most of those above do
not include MHD effects or radiative feedback (see also
§5). When MHD (Tilley and Pudritz, 2007; Hennebelle and
Teyssier, 2008), radiative feedback (Krumholz et al., 2007,
2009; Cunningham et al., 2011), or both (Price and Bate,
2007; Commerc¸on et al., 2011; Peters et al., 2011; Myers
et al., 2013) are included, the efficiency of fragmentation is
reduced, and the number of protostars formed by a core may
be reduced. Magnetic torques may also act to redistribute
angular momentum, which affects fragmentation (Basu and
Mouschovias, 1995).
When a protostar forms in a core it is normally attended
by an accretion disk, which may fragment in some cir-
cumstances to form (usually low-mass) companions (e.g.,
Bonnell and Bate 1994). Early simulations indicated that
this could provide an important channel for forming brown
dwarfs and very low-mass H-burning stars (Bate et al.,
2002; Stamatellos and Whitworth, 2009a,b). MHD simu-
lations have cast some doubt on whether sufficiently mas-
sive disks can form given observed mass-to-flux ratios, be-
cause magnetic torques efficiently remove angular momen-
tum. However, misalignment of the field relative to the an-
gular momentum vector may provide an avenue for massive
disks to form (e.g. Joos et al. 2012; Seifried et al. 2012). In
addition, turbulence, Parker-like instabilities, and non-ideal
effects may be important and must be included in simula-
tions to resolve issue of massive disk formation.
Even if massive disks do form, it is critical to consider
radiative feedback from the central star, and any other stars
that form. If a star accretes continuously from its disk, it
has a high accretion-luminosities, and the consequent radia-
tive heating stabilizes its disk against fragmentation (see §5,
PPVI review by Krumholz et al.). On the other hand, if the
accretion is episodic, with most of the accretion energy be-
ing released in short bursts, and if the time between bursts is
sufficiently long, then disk fragmentation can still occur and
appears to produce low-mass stars in the numbers and with
the statistical properties observed (Stamatellos et al., 2012).
13
4.3. High-Mass Cores and the High-Mass IMF
McKee and Tan (2002) proposed that high-mass star for-
mation occurs via the roughly monolithic collapse of high-
mass cores in a scaled-up version of low-mass star for-
mation. This implies that any mapping between the CMF
and IMF must extend to high masses, as suggested by Oey
(2011). A few' 10 M prestellar cores have been reported
in the literature and included in CMF determinations (Nut-
ter and Ward-Thompson, 2007; Alves et al., 2007), however,
it is usually unclear whether these more massive objects will
go on to form a single star system or are “clumps”, which
will form a cluster of stars. While several Class 0 candidates
with masses greater than 50 M have been found (Bon-
temps et al., 2010; Palau et al., 2013; Zhang et al., 2013a),
there is no unequivocal high-mass prestellar core. It is un-
clear whether this implies these objects never exist, and
thus the CMF/IMF mapping does not extend to such high
masses, or whether such cores are extremely short lived as
proposed by Hatchell and Fuller (2008).
Infra-red dark clouds (IRDCs) have often been suggested
as the best candidates for high-mass prestellar cores given
their high masses and column densities. However their
clumpy interiors (Ragan et al., 2009) and sub-virial veloc-
ity dispersions (Ragan et al., 2012) suggest that these ob-
jects may be similar to local and lower mass regions of
star formation such as Ophiuchus (Andre´ et al., 2007). If
so, these objects are more likely the progenitors of entire
clusters (Rathborne et al., 2006). More recent studies have
shown that some parts of IRDC G035.39-00.33 may be in
virial equilibrium (Hernandez et al., 2012) and thus consis-
tent with the scenario proposed by McKee and Tan (2002).
Further interferometric studies of the interiors of these ob-
jects are needed and could be performed with ALMA.
It remains unclear whether the observed high-mass Class
0 candidates contain a single massive protostellar system or
a deeply embedded protocluster, such as those discussed in
§5. Extensive radiative transfer modeling (along the lines
of Zhang et al. 2013b; Offner et al. 2012), may be able
to help distinguish between these scenarios. Furthermore,
Class 0 cores are not necessarily isolated objects; they are
embedded within larger star forming regions. Observations
of local regions suggest that the relative motion of low-mass
cores is small (e.g., Andre´ et al. 2007), however, in more
clustered regions cores could be undergoing accretion and
merging as described above.
4.4. Statistical Constraints
As mentioned above, the statistical mapping of the CMF
to the IMF requires that on average cores fragment self-
similarly and have a roughly constant efficiency that is in-
dependent of mass. A simple self-similar mapping appears
to be possible because a very simple model can reproduce
binary statistics, such as binary frequencies and mass ratios,
provided that the typical core forms 4 or 5 stars and has a
high star formation efficiency (Holman et al., 2013). A less
restrictive mapping between the CMF and IMF would en-
tail that the most abundant stars, M∼0.2 M , mainly form
from the most abundant prestellar cores, MCORE ∼ 1 M ,
while the most massive stars form only from the most mas-
sive cores (Goodwin et al., 2008; Oey, 2011).
Initial estimates of the efficiency with which core gas
forms stars are based on the premise that most cores pro-
duce a single star. Observationally, the CMF appears to
have a peak at around 1 M (e.g. Alves et al., 2007; Nut-
ter and Ward-Thompson, 2007; Enoch et al., 2008; Andre´
et al., 2010), which suggests an efficiency of ∼30%. These
early estimates have subsequently been increased to ∼50%
to allow for the formation of binary systems. This estimate
is consistent with the theoretical predictions of Matzner
and McKee (2000), who look at the impact of the gener-
alized X-wind model (Shu et al., 1995) on a protostellar
core. They predict efficiencies in the range 20% to 70%,
depending on the geometry of the core, and stress that this
effect should be insensitive to the mass of both the protostar
and its parent core. In addition, efficiencies of around 50%
have been claimed in numerical studies of the collapse of
magnetized, rotating prestellar cores (Machida et al., 2009;
Machida and Matsumoto, 2012; Price et al., 2012). These
studies capture the Class 0/1 protostellar outflows that arise
both from the magnetic-tower structure, which dominates
the polar regions of the core (Lynden-Bell, 1996), and from
the centrifugal acceleration that is powered in the protostel-
lar disk (Blandford and Payne, 1982; Pudritz and Norman,
1983). While these results are encouraging for the CMF-
IMF mapping, it should be stressed that both the theoretical
and numerical predictions quoted here rely on idealized ge-
ometries; the final efficiencies in more realistic, turbulent
cores, such as those studied by Seifried et al. 2012, are still
unknown. Finally, Holman et al. (2013) argued that the ef-
ficiency might be much higher and perhaps even larger than
100% if cores continue accreting while forming stars.
Although efficiencies must be taken into account when
mapping the CMF to the IMF, the observed CMF peak is
also quite uncertain. CMF peaks have been reported to be
∼ 0.02 M in Polaris (Andre´ et al., 2010),∼ 0.1 M in ρ-
Oph (Motte et al., 1998),' 2 M in the Pipe Nebula (Alves
et al., 2007), and ∼ 1 M in Orion, Aquilla and the com-
bined populations of ρ-Oph, Serpens and Perseus (Nutter
and Ward-Thompson, 2007; Enoch et al., 2008; Andre´ et al.,
2010). Goodwin et al. (2008) noted that the peak of the
CMF appears to depend on the source distance, which could
occur if blending creates bias in more distant regions. As
discussed in §3.1, the different peak values may be due to
different core definitions (e.g., the inclusion of low-density
unbound objects), but they may also due to observational
incompleteness, which is often near the peak position.
Additional constraints on the CMF-IMF mapping are
imposed by considering the time evolution of the CMF. For
example, Clark et al. (2007) stressed that cores must have
at least a Jeans mass to form stars. Assuming a roughly
constant temperature, this presents two options: either the
cores all have the same Jeans mass (∼ 0.1 M), and so
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cores contain different numbers of Jeans masses; or the
cores each have a few Jeans masses such that the low-mass
cores are denser than high-mass cores. The latter scenario is
more likely to result in the self-similar mapping between the
CMF and IMF discussed above, since it avoids the problem
of an extremely Jeans-unstable core fragmenting to form a
large cluster. However, this scenario also implies that cores
likely evolve on different timescales, and low-mass cores
form protostars more quickly than their high-mass counter-
parts. The emerging stellar mass function should therefore
be biased towards lower masses than the full IMF, which is
not evident in nearby regions. If different mass stars form
on different timescales, McKee and Offner (2010) showed
that the present-day protostellar mass function will be dis-
tinct from one in which stars form on the same timescale.
Since the masses of embedded protostars are difficult if not
impossible to measure, the distribution of protostellar lu-
minosities provides a promising indirect method to con-
strain the underlying star formation times and accretion
rates (Offner and McKee, 2011).
The observational evidence for differences between
prestellar and protostellar core mass distributions is am-
biguous. Hatchell and Fuller (2008) showed that the mass
distribution of prestellar and protostellar cores in Perseus
were markedly different: the former resembles the IMF,
while the latter is strongly peaked at around 8 M. One
interpretation of these observations is that high-mass cores
evolve faster than low-mass cores. Given the criterion for
Jeans instability, it is not obvious how this could be the case.
Alternatively, Hatchell and Fuller (2008) noted that these
results could imply that most low-mass cores are transient.
As discussed above, such a picture is broadly consistent
with what is found in simulations and would imply that
the observed CMF is seriously contaminated by unbound
clumps. Such a scenario has also been used to explain the
chemistry of low-mass cores in L673 (Morata et al., 2005).
In contrast, Enoch et al. (2008) measured the combined
CMF of ρ-Oph, Serpens and Perseus and demonstrated that
the prestellar and protostellar CMFs have statistically sim-
ilar distributions. Since the Hatchell and Fuller (2008)
sample contains less than half the number of cores of the
Enoch et al. (2008) sample, the apparent differences may
be purely statistical (see also the PPVI chapter by Dunham
et al. for discussion of the challenges of observing and
classifying protostars).
The Press-Schechter and excursion-set IMF models dis-
cussed in §3 potentially provide a solution to the timescale
issue. The models envisage that low-mass cores are more
likely to be disrupted by turbulence than high-mass cores –
an effect that Hennebelle and Chabrier (2008) refer to as
“turbulent dispersion”. This process acts to lower the over-
all star formation rate in the low-mass cores, thus helping
to counteract the fact that low-mass cores may, individually,
collapse faster than their higher-mass counterparts. Again,
this would imply that not all the observed cores are truly
“prestellar”. They also find that the cores that make up the
bound CMF have similar densities yet still follow an IMF-
like distribution. While this potentially provides a resolu-
tion to the apparent timescale problem, it does not address
the question of why a 10 M core containing many Jeans
masses would only form a small number of objects. One
solution to this puzzle may be supplied by the addition of
more complex physics, which is discussed further in the fol-
lowing section.
5. THE FORMATION OF CLUSTERS
In our Galaxy, many stars are observed to form in
groups, associations, or clusters (Lada and Lada, 2003;
Bressert et al., 2010), and the IMF is usually measured by
observing these systems because they provide ensembles of
stars with similar ages. Thus far, our theoretical discussion
has focussed on the dense cores that are observed to be the
sites of star formation, tackling their formation, properties,
and whether and how they produce stars. We have largely
considered them to evolve in isolation from each other with
each producing one or perhaps a few stars. However, par-
ticularly in dense star-forming regions, the formation of a
cluster and the formation of stars occurs simultaneously.
Thus, the formation of stellar clusters is a dynamical and
time-dependent process, where protostars may interact with
each other and the evolving cloud via many different physi-
cal mechanisms. Due to this time dependence and inherent
complexity, numerical simulations are essential to explore
the role of each mechanism in producing the IMF.
In the mid-1990s, interest in “competitive accretion” as
a mechanism for producing a mass spectrum was revived
by studies using smoothed particle hydrodynamics (SPH)
with sink particles representing protostars (Bonnell et al.,
1997). Simulations of protostellar “seeds” embedded in
and accreting from a gas reservoir demonstrated that the
initial mass spectrum was relatively unimportant (see also
Zinnecker, 1982), but that differential accretion naturally
produced both a mass spectrum and mass segregation, with
the more massive stars located near the cluster center as
is often observed in young clusters. These early studies
identified the importance of the stellar spatial distribution
and dynamical interactions between protostars. In some
cases, dynamical interactions were able to eject stars from
the cloud and thus halt accretion. Subsequent papers found
that the high-mass end of the mass spectrum was steeper
than dN/d logM ≈ M−1 due to changes in the dynamics
of accretion and mass segregation (Bonnell et al., 2001b,a).
Rather than begin with protostellar “seeds”, Klessen et al.
(1998) studied the fragmentation of structured gas clouds to
form protostars and followed their subsequent competitive
accretion. They found a log-normal protostellar mass spec-
trum resembling the observed IMF and again noted the role
of dynamical interactions in terminating accretion.
These early studies laid the foundation for the research
performed over the last decade, which has included increas-
ingly more physical processes. In this section we review
numerical work investigating the roles of initial conditions,
protostellar interactions, and feedback on the IMF.
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5.1. Role of Initial Conditions in Shaping the IMF
A variety of different initial conditions and physical ef-
fects have been explored in simulations of star cluster for-
mation. A number of these find good agreement with the
observed IMF, while others highlight interesting variations.
However, we stress that currently no simulations of cluster
formation include all the important physics, produce suffi-
cient stellar statistics, and reach sufficiently high-resolution
to resolve close binaries. Moreover, simulations that fol-
low the accretion and dynamical evolution of stars employ
sink particles as a numerical convenience in order to limit
the resolution of gravitational collapse and reduce computa-
tional expense. Consequently, the results summarized here
are best considered suggestive “numerical experiments.”
5.1.1. Cloud Initialization
Simulations typically adopt one of three main ap-
proaches to the problem of cloud initialization. The first
approach is to consider an isolated cloud, typically with an
initially analytic density distribution (e.g., Girichidis et al.
2011). Cloud structure may be seeded by applying a ran-
dom velocity field at the initial time. A second approach
is to consider a piece of a molecular cloud by adopting
periodic boundary conditions (e.g., Klessen and Burkert
2000; Offner et al. 2008a). In the latter case, the large-scale
turbulent energy cascade can be modeled by continuous tur-
bulent driving (Mac Low, 1999). Both of these approaches
dispense with the issue of molecular cloud formation and
instead initialize with mean observed molecular cloud prop-
erties. Both of these approaches produce a CMF and/or
IMF similar to observations (e.g., Bate 2012; Krumholz
et al. 2012, see Figure 5), which suggests the IMF may
be fairly insensitive to the details of cloud formation in
numerical simulations. Another approach directly models
the cloud formation. For example, some simulations be-
gin with the collision of two opposing atomic streams of
gas (Koyama and Inutsuka, 2002; Va´zquez-Semadeni et al.,
2007; Heitsch et al., 2008b; Hennebelle et al., 2008; Baner-
jee et al., 2009). This setup is predicated on the idea that
some molecular clouds form from coherent gas streams (see
the PPVI chapter by Dobbs et al. for further discussion of
cloud formation mechanisms). An additional promising ap-
proach begins with a full or partial galactic disk that forms
clouds self-consistently by including ISM physics. While
this achieves more realistic and self-consistent initial cloud
conditions, current resolution is not sufficient to follow the
formation of individual stars.
5.1.2. Turbulent Properties
Most cloud simulations include some degree of super-
sonic turbulence. The details of this turbulence have been
widely varied, reflecting both current observational uncer-
tainties and underlying theoretical disagreement. Over the
last decade simulations have typically adopted one of two
treatments. Either turbulent motions are continually driven
to maintain a fixed turbulent energy or the turbulence is al-
lowed to freely decay after initialization. Arguments in fa-
vor of the former appeal to the very low star formation rate
in clouds (Krumholz and Tan, 2007), the continuing cascade
of energy from larger scales, and the approximate gravita-
tional and kinetic energy equipartition in clouds (Krumholz
et al., 2006). However, approaches applying random ve-
locity perturbations in lieu of kinematic stellar feedback
are not physical (see §5.3). Alternatively, some turbulence
may be regenerated through gravitational collapse (Huff and
Stahler, 2007; Field et al., 2008; Klessen and Hennebelle,
2010; Robertson and Goldreich, 2012). Both approaches
have been successful in reproducing IMF characteristics
(e.g., see §3, Bate 2012; Krumholz et al. 2012). Clouds
with excess turbulent motions, i.e., gravitationally unbound
clouds, have lower star formation efficiencies and produce
IMFs that are flatter than observed (Clark et al., 2008).
The turbulent outer driving scale is generally assumed to
be comparable to the simulated cloud size on the basis that
turbulence is generated during the cloud formation process
and cascades smoothly to small scales (but see also Swift
and Welch 2008). Klessen (2001) demonstrated that driven
turbulence injected on small scales produces a CMF/IMF
that is too flat compared to observations. In the case of de-
caying turbulence, variations in the turbulent power spec-
trum slope apparently have little effect on the IMF (Bate,
2009b). Girichidis et al. (2011) found that the resultant
IMFs were also relatively insensitive to whether the initial
turbulence was solenoidal (divergence-free), compressive,
or some combination of the two (see Figure 5).
One universal characteristic of turbulent simulations, in-
dependent of turbulence details, is the production of fila-
mentary structure (e.g., Heitsch et al. 2008a; Collins et al.
2012). Star-forming cores often appear at regular intervals
along filaments (Men’shchikov et al., 2010; Offner et al.,
2008b; Smith et al., 2012), and gas may flow freely along
them, supplying additional material to forming stars (see
PPVI review by Andre´ et al. for additional discussion of fil-
aments). However, it remains to be seen whether observed
filamentary structure is simply a consequence of turbulence
or serves some more fundamental role in the determination
of the IMF.
5.1.3. Initial Density Profiles
Simulations have explored a range of underlying ana-
lytic density profiles, e.g., ρ(r) ∝ r−β with β ranging
from 0 to 2. Most recently, Girichidis et al. (2011) and
Girichidis et al. (2012) found that turbulent, centrally con-
densed density profiles form a more massive star and fewer
lower mass stars, whereas turbulent, flat density profiles
produce more distributed clusters. The different density
profiles also yielded demonstratively different IMFs, where
the IMFs produced by uniform and Bonnor-Ebert density
distributions more closely resembled the observed IMF (see
Figure 5).
16
5.1.4. Magnetic Field Strength
The degree of magnetization and the relative importance
of turbulent and magnetic energy on different scales re-
main controversial, but there is consensus that magnetic
support can have a dramatic impact on molecular cloud
evolution. Strong magnetization provides pressure support
that reduces the core and star formation rate (Heitsch et al.,
2001; Price and Bate, 2009; Dib et al., 2010; Padoan and
Nordlund, 2011; Padoan et al., 2012). Li et al. (2010)
showed that magnetic fields can also reduce the charac-
teristic stellar mass by increasing the number of low-mass
stars formed in filaments and reducing the number of in-
termediate mass stars formed from turbulent compressions.
The authors attributed this difference to the suppression of
intermediate mass stars from converging flows; magnetic
support inhibited isolated collapse and instead stars formed
predominantly within magnetized filaments, which tended
to produce smaller mass stars. An anti-correlation between
characteristic stellar mass and magnetic field strength was
also demonstrated in simulations of star formation in the
galactic center (Hocuk et al., 2012). In principle, a non-
ideal MHD treatment would allow the field to diffuse from
magnetically subcritical regions, however, few simulations
have included such effects and the impact on the shape of
the IMF is unclear. Va´zquez-Semadeni et al. (2011) found
that including ambipolar diffusion had little effect on the
star formation rate in their simulations. Larger cloud sim-
ulations that produce more stars and include non-ideal ef-
fects are necessary to fully understand the effect of mag-
netic fields on the IMF.
5.1.5. Thermal Assumptions
The role of thermal physics in shaping the IMF remains
an open question. If the characteristic stellar mass is due to
turbulent fragmentation then thermal physics may play only
a minor role (see §3). Alternatively, thermal physics, by set-
ting the characteristic Jeans mass, may set the peak of the
IMF (Jappsen et al., 2005; Larson, 2005; Bate and Bonnell,
2005; Bonnell et al., 2006; Klessen et al., 2007). Simula-
tions have shown that the peak of the IMF is sensitive to
the adiabatic index, γ, of the gas and the critical density at
which the gas transitions from being isothermal (efficient
cooling) to adiabatic (inefficient cooling). For a polytropic
equation of state, P = Kργ , the characteristic Jeans mass
can be expressed asMJ = pi5/2/6(K/G)3/2γ3/2ρ(3/2)γ−2,
where ρ is the gas density, K is a constant, G is the grav-
itational constant (Jappsen et al., 2005). Proponents of
this model argue that while turbulent and magnetic support
may delay gravitational collapse such support will even-
tually dissipate or diffuse leaving thermal pressure alone
to oppose gravity. In either case, the peak cannot be too
sensitive to the cloud environment without producing large
variations, which is hard to reconcile with observations of
a generally invariant IMF. However, if the gas can be de-
scribed by a barotropic equation of state with some fixed
critical density, as suggested by Larson (2005), the IMF
peak mass may be set independently of the cloud Jeans
mass and, thus, partially decouple the IMF from the cloud
environment (Bonnell et al., 2006). If only thermal physics
is important and if the effective equation of state depends
only on fundamental atomic parameters and does not also
depend strongly on metallicity then this could explain an
invariant IMF.
More detailed thermal physics can be considered by in-
cluding heating and cooling by dust, molecules and atomic
lines in place of a fixed equation of state. Myers et al.
(2011) found that simulations including radiative transfer
produced only weak variations in the IMF even as the metal-
licity varied by a factor of 100. Using a different approach,
Glover and Clark (2012) performed simulations including
heating and cooling computed via a reduced chemical net-
work. These showed that the star formation rate is also rel-
atively insensitive to the gas metallicity for variations over
a factor of 100. Similarly, Dopcke et al. (2011) found that
dust cooling enabled small-scale fragmentation and hence
the formation of low-mass stars for Z ≥ 10−5 Z. Alto-
gether, these studies help explain the observed IMF invari-
ance over environments with a range of metallicities.
5.2. Role of Protostellar Feedback and Interactions
It’s possible that the protostars themselves play a part
in setting the IMF since they may interact with each other
and the molecular cloud as the cluster forms. If they play
the dominant role, this may explain why the IMF is not ob-
served to vary greatly with environment (see §2); the gen-
eration of the IMF may be a self-regulating process rather
than depending sensitively on initial conditions.
5.2.1. Dynamical Interactions
There are many ways by which protostars may affect the
cloud in which they form and each other. As mentioned
previously, dynamical interactions between accreting pro-
tostars can produce a spectrum of masses because the ac-
cretion rate of any particular protostar depends on its lo-
cation, the surrounding gas density, and its speed. Typi-
cally, slow-moving protostars located near the cloud centre,
where the overall gravitational potential of the cloud tends
to funnel the gas, accrete at higher rates than those in the
outskirts of the cluster or those that have been involved in
dynamical interactions that have given them higher speeds.
However, the accretion rate of any particular protostar also
tends to be highly variable (Bonnell et al., 1997; Klessen,
2001). Dynamical interactions can be an effective mech-
anism for stopping accretion (by ejecting protostars from
the cloud or increasing their speeds so that their accretion
rate becomes negligible), and theories of the IMF can be
constructed based on accreting protostars with probabilistic
stopping times (Basu and Jones, 2004; Bate and Bonnell,
2005; Myers, 2009) in which accretion may be terminated
due to dynamical interactions, outflow or radiative feed-
back, and other mechanisms. As mentioned in Section 5.1,
however, hydrodynamical simulations of competitive accre-
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Fig. 5.— Cumulative distribution functions (CDFs) for stellar masses from the simulations BE-c-1 (Bonnor-Ebert sphere
with decaying compressive turbulence), TH-m-2 (uniform density with decaying mixed turbulence) both from Girichidis
et al. (2011), simulation with 0.05 Z and radiative feedback (Myers et al., 2011), simulation with radiative feedback and
protostellar outflows (Krumholz et al., 2012), simulation with decaying turbulence and a barotropic EOS (Bate, 2009a),
and simulation similar to B09 but including radiative transfer (Bate, 2012). Left: The CDFs are shown with the Chabrier
(2005) single-star IMF for a mass range of 0.005-100 M. Right: The same CDFs but computed only for the mass range
0.1-15 M. The shaded regions show the fits and associated error for the observed IMF at the half-mass cluster radius for
Westerlund 1 (solid grey, Andersen et al. in prep) and for the combined data of the Pleiades (Moraux et al., 2003), IC4665
(de Wit et al., 2006) and Blanco 1 (Moraux et al. 2007, horizontal lines). The fits of the observational data are performed
for the ranges 0.15 -15 M and 0.045-2 M, respectively.
tion alone result in IMFs whose characteristic stellar mass
depend on the initial Jeans mass in the cloud (Bate and Bon-
nell, 2005; Jappsen et al., 2005; Bonnell et al., 2006) and
typically produce too many brown dwarfs (Bate, 2009a).
Bate and Bonnell (2005) argue that the dependence on the
initial Jeans mass comes about within competitive accretion
models because the characteristic stellar mass is given by
the the product of the typical accretion rate (which scales as
c3s/G, where cs is the sound speed) and the typical dynami-
cal interaction timescale which terminates accretion (scales
with density as ρ−1/2), thus resulting in a scaling. This is
problematic because the IMF is not observed to vary greatly
with initial conditions.
5.2.2. Radiative Heating
The effects of radiation transfer and radiative feedback
from protostars has been investigated in star cluster calcu-
lations following three different approaches (Bate, 2009c;
Offner et al., 2009b; Urban et al., 2010). These studies
found that the inclusion of radiative heating in the vicinity
of protostars dramatically reduced the amount of fragmen-
tation, particularly of massive circumstellar disks. In turn
this reduced the rate of dynamical interactions between pro-
tostars. Since in the competitive accretion process, brown
dwarfs and low-mass stars are usually formed as protostars
that have their accretion terminated soon after they have
formed by dynamical interactions, radiative feedback also
reduced the proportion of brown dwarfs to stars. Figure
5 illustrates that an over-abundance of low-mass objects is
one of the main areas of disagreement between some sim-
ulations and observations. Potentially of even more impor-
tance, however, was the discovery that radiative feedback
also removed the dependence of the mass spectrum on the
initial Jeans mass of the clouds (Bate, 2009c). Bate (2009c)
presented a qualitative analytical argument for how radia-
tive feedback weakens the dependence of the IMF on the
initial conditions. For example, consider two clouds with
different initial densities. In the absence of protostellar
heating, the Jeans mass and length are both smaller in the
high density cloud, so fragmentation will tend to produce
more stars, which have smaller masses and are closer to-
gether, than in the low-density cloud. However, protostellar
heating is most effective on small scales, so when protostel-
lar heating is included in the higher density cloud, it raises
the effective Jeans mass and length by a larger factor (re-
sulting in fewer stars with greater masses) than when it is
included in the lower density cloud (where the stars would
already form further apart). Thus, the dependence on the
initial density is weakened. More recently Krumholz (2011)
took this argument further to link the characteristic mass of
the IMF with fundamental constants. Regardless of whether
these analytic arguments portray the full picture or not, sub-
sequent radiation hydrodynamical simulations have shown
that excellent agreement with the observed IMF can be ob-
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tained, along with many other statistical properties of stellar
systems (Bate, 2012).
On the other hand, in very dense molecular clouds that
produce massive stars, radiative feedback can be too effec-
tive at inhibiting fragmentation. Krumholz et al. (2011)
showed that radiative feedback could lead to an overheat-
ing problem in which, after an initial cluster of protostars
is formed, further fragmentation is prevented while the pro-
tostars continue to accrete. In this case, the characteristic
stellar mass continually increases in time, leading to a top-
heavy IMF. When combined with a strong magnetic field
(mass to flux ratio ∼ 2), Commerc¸on et al. (2011) and
Myers et al. (2013) both demonstrate that radiative feed-
back and magnetic support could almost completely pre-
vent fragmentation of such initial conditions, leading to a
single massive star or binary rather than a cluster. How-
ever, the details of fragmentation appear to be sensitive to
a combination of the initial cloud conditions and the code
applied. For example, when modeling the collapse of high-
mass cores Hennebelle et al. (2011) found that the effects of
radiation in reducing fragmentation are modest in compari-
son to magnetic fields. Likewise, work investigating radia-
tive heating, including ionization from high-mass sources,
and using a long-characteristics radiative transfer approach,
found a more modest impact by radiation on fragmentation
(Peters et al., 2010a,b, 2011). In particular, Peters et al.
(2010b) modeled a 1000 M clump, finding that fragmen-
tation was mainly suppressed in the inner ∼1000 AU and
otherwise continued unabated within the dense filaments
feeding the central region. In any case, current 2D and 3D
radiation-hydrodynamic methods adopt approximations of
the radiative transfer equations. To better understand the
effects of radiative feedback on the IMF in clusters, more
work is required to implement methods that accurately fol-
low the propagation of multi-frequency, angle-dependent
radiation and achieve accuracy in both the optically thick
and thin limits.
5.2.3. Kinematic Feedback: Outflows and Ionization
Another form of feedback is kinetic feedback, via proto-
stellar jets and outflows, stellar winds, and supernovae. All
of these likely contribute to the turbulent motions within
clouds and affect the efficiency of star formation (e.g. Li
and Nakamura, 2006), but the level of the different con-
tributions is unclear (see the PPVI chapter by Krumholz
et al.). Calculations to determine how kinetic feedback
may contribute to the IMF have only started to be per-
formed recently, and in all cases to date the outflows have
been added in a prescribed manner rather than generated
self-consistently. Dale and Bonnell (2008) investigated the
effects of stellar winds in hydrodynamical simulations of
cluster formation. They found that outflows slowed the
star formation process, but had little effect on the IMF ex-
cept at the high-mass end where they disrupted the accre-
tion of high-mass protostars. Wang et al. (2010) performed
MHD simulations with and without outflows and came to
the same conclusion – outflows slowed the star formation
rate (by a factor of two) and reduced the accretion rates of
the most massive stars by disrupting the filaments that feed
them and slowing the global collapse of the cloud. Li et al.
(2010) investigated the effects of magnetic fields and out-
flows on the IMF, finding that although the general forms of
the mass spectrums were the same in all calculations, strong
magnetic fields reduced the characteristic stellar mass by a
factor of four over hydrodynamical simulations, and that
adding outflows to the MHD simulation decreased the char-
acteristic mass by another factor of two. Hansen et al.
(2012) performed the first cluster formation calculations to
include both radiative feedback and outflows. Although
only one third of the material accreted by a protostar was
ejected in each outflow, the characteristic mass of the stars
was reduced by two thirds relative to calculations without
outflows. They also pointed out that because the protostellar
accretion rates were lower, radiative feedback was less im-
portant. Krumholz et al. (2012) expanded on this, showing
that the combination of outflows and turbulence reduced the
overheating problem. The protostellar population produced
by their calculations with turbulence and outflows was in
statistical agreement with the observed IMF.
Finally, ionizing feedback by massive stars can both trig-
ger fragmentation by compressing dense cores and suppress
star formation by destroying dense molecular gas and dis-
rupting accretion flows Dale et al. (2005, 2007); Walch
et al. (2013). Thus far, however, no discernible effect on
the IMF has been found (Dale and Bonnell, 2012). How-
ever, it is important to note that the ionizing radiation in-
cluded in these calculations only determines whether the
gas is ionized and hot (T ≈ 104 K) or molecular and cold
( T ≈ 10 K). Heating of the cold molecular gas by non-
ionizing photons is not included. Its inclusion may lead to
a change in the IMF similar to that discussed in the previ-
ous section. Peters et al. (2010b) do include ionization and
heating by non-ionizing photons but do not make a predic-
tion for the IMF.
5.3. Other Predictions and Observables
5.3.1. Gas Kinematics
At early times, protostars are often too dim and too
enshrouded by dust and gas to make observational deter-
minations about their spatial distribution, velocities and
masses. However, observations of dense gas kinematics
provide spatial and dynamical clues about the initial con-
ditions and properties of protostars. For example, the tur-
bulent line widths of low-mass cores are approximately
sonic, where protostellar cores do not possess significantly
broader widths than starless cores (Kirk et al., 2007; Andre´
et al., 2007; Rosolowsky et al., 2008a). In addition, the rel-
ative velocity offsets between the dense gas and core en-
velopes are small, suggesting that protostars form from gas
that does not move ballistically with respect to its surround-
ings (Kirk et al., 2007, 2010; Andre´ et al., 2007), which
disfavors a dynamical scenario at very early times.
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Simulations can be compared directly to these met-
rics through synthetic observations using radiative transfer.
Both Ayliffe et al. (2007) and Offner et al. (2008b) found
reasonable agreement between simulated and observed line
widths for different numerical parameters. Offner et al.
(2009a) showed that protostellar dispersions in simulations
of turbulent fragmentation are initially small and motions
are well-correlated with the surrounding gas. Rundle et al.
(2010) verified this for star-forming cores in simulations
where protostars later underwent competitive accretion.
Molecular line modeling by Smith et al. (2012) and Smith
et al. (2013) explored the evolution of line profiles for
higher mass cores and filaments, where observations are
often messier and more difficult to interpret than for local
low-mass star forming cores. Additional work compares
simulated dust continuum observations of forming proto-
stars with observations (Kurosawa et al., 2004; Offner et al.,
2012). Such detailed synthetic observations are needed to
constrain protostellar masses, gas morphologies, and out-
flow characteristics, which are essential metrics for dis-
tinguishing between IMF theories. Future work requires
additional quantitative synthetic observations in order to
provide more discriminating observational comparisons.
5.3.2. Cluster Evolution and Mass Segregation
Stars may significantly dynamically interact during and
after formation. Understanding their initial spatial distri-
bution and subsequent evolution is necessary to accurately
account for dynamical effects when measuring the IMF in
clusters. The stellar spatial distribution may also present
some clues for distinguishing between different theoreti-
cal models. For example, in the competitive accretion pic-
ture the most massive stars form in a clustered environment
and are naturally mass segregated at birth (Bonnell et al.,
2001b). In this picture instances of isolated massive stars
are generally stars ejected from a cluster via dynamical in-
teractions. In the turbulent core model, the massive cores
that are predicted to form massive star systems are more
likely to be found in the cloud center, where the highest col-
umn density gas is located (Krumholz and McKee, 2008).
However, massive stars are not physically precluded from
forming in isolation (Tan et al., 2013). The observational
evidence for isolated massive star formation is obfuscated
by small number statistics and the large distances to mas-
sive targets. However, young, isolated massive stars appear
to exist. Bressert et al. (2012) and Oey et al. (2013) located
a number of isolated massive stars that do not appear to have
been dynamically ejected from a cluster. Lamb et al. (2010)
found that a couple of apparently isolated massive stars are
in fact runaways, while several more appear to be in very
sparse clusters. Using a sample of 22 candidate runaway
O-stars, de Wit et al. (2005) concluded that only ∼ 4% of
Galactic O-type stars form outside of clusters. Explaining
the frequency of isolated massive stars and the mass distri-
butions of small clusters is an ongoing challenge for theo-
retical models.
Fig. 6.— Multiplicity fraction as a function of primary stel-
lar mass. The solid shaded blocks indicate the multiplicity
and associated statistical uncertainty for a simulation with
radiative and kinematic feedback from forming protostars
(Krumholz et al., 2012). The striped blocks show the mul-
tiplicity and statistical uncertainty for a simulation with ra-
diative transfer and decaying turbulence (Bate, 2012). The
black crosses represent observational results, with the hori-
zontal width indicating the mass range for the observations
and the vertical range showing the stated uncertainty. The
two highest mass observational data points are lower limits.
The data shown are taken from, from left to right, Basri and
Reiners (2006) and Allen (2007) (shown as a single com-
bined point), Fischer and Marcy (1992), Raghavan et al.
(2010), Preibisch et al. (1999), and Mason et al. (2009).
5.3.3. The Multiplicity of Protostellar and Stellar Systems
One important, intermediate step between the core mass
function and single star IMF is the frequency and mass de-
pendence of multiple star systems. Resolving close binary
systems and accurately counting wide binary systems re-
mains an observational challenge. However, there is con-
vincing evidence that younger systems have higher multi-
plicity than field stars (Ducheˆne and Kraus, 2013). This is
not surprising since higher order multiple star systems nat-
urally dynamically decay with time. As shown in Figure
6, simulations with sufficient resolution have successfully
reproduced the multiplicity fraction of star systems (Bate,
2009a, 2012; Krumholz et al., 2012). However, Figure 6
compares with the field multiplicity fraction, and it is not
obvious why simulations should agree well with the field
population while the cluster is gas dominated and not dy-
namically relaxed. If the initial cluster environment is ini-
tially dense, Moeckel and Bate (2010) demonstrated that the
multiplicity remains nearly constant while the remaining
gas is dispersed. Parker and Reggiani (2013) find that the
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shape of the mass ratio distribution is preserved during clus-
ter relaxation because binary disruption is mass indepen-
dent. The distribution of multiples must also be reconciled
with the stabilizing effect of magnetic fields (Commerc¸on
et al., 2011; Myers et al., 2013), which appears to have a
deleterious impact on small scale fragmentation and early
multiplicity. In principle, the distribution of separations and
mass ratios should provide strong constraints on simula-
tions (Bate, 2012) but are usually neglected. Future studies
are required to determine how these properties depend on
initial conditions and additional physics. More pointedly,
future work must determine what such multiplicity statis-
tics imply about the efficiency of star formation in dense
gas and the origin of the IMF (Holman et al., 2013).
6. SUMMARY
Despite many lingering areas of debate surrounding the
origin of the IMF, a few key areas enjoy consensus. The
presence of supersonic turbulence plays an essential role
in seeding structures that go on to spawn the stellar mass
distribution. Another fundamental area of physics is ra-
diative transfer. A proper thermal treatment and heating
from protostars tends to self-regulate the occurrence of ad-
ditional fragmentation within cores and, when included in
cluster simulations, reduces the numbers of sub-stellar ob-
jects and the number of stars per core, resulting in IMFs
that agree well with the observed Galactic IMF. While the
exact importance of magnetic effects remains poorly con-
strained, magnetization appears to have similar role in re-
ducing fragmentation, while also creating outflows that en-
train and eject core material, thus influencing the character-
istic stellar mass.
In contrast, debate continues surrounding several other
fundamental questions related to the IMF origin. For ex-
ample, do the details and properties of the initial self-
gravitating structures, “cores”, have a unique and essential
role in producing the IMF? The essence of the debate is one
of nature versus nurture: do the initial dense cores play a
greater role in determining stellar mass or does the envi-
ronment and dynamical interactions dominate? This issue
is obfuscated by the subtleties of defining cores observa-
tionally and connecting them to theoretical models. In re-
cent years, simulations have shown that the combined influ-
ence of radiative and magnetic effects reduce fragmentation
and hence dynamical interactions in the early stages of star
formation, which makes stellar masses more similar to the
masses of their parent cores; however, simulations have also
shown that a core should not be viewed as a static object but
as one that can gain mass on a dynamical timescale. Con-
sequently, we conclude that both nature (cores) and nurture
(dynamics) are involved to some extent in the origin of the
IMF. Future studies are needed to quantify this issue, espe-
cially with respect to connecting simulations more directly
with observations.
An additional debate revolves around the meaningful-
ness of the similarity between the CMF and IMF, which
seems to suggest a gas-to-star efficiency factor & 0.3. This
efficiency likely results from some combination of multi-
plicity, mass loss from outflows, and dynamics; however,
the interplay between these processes is highly nonlinear
and exactly how each depends on core and star masses re-
mains poorly understood. Future full-physics, parsec-size
simulations of star formation with sub-AU resolution are
necessary to disentangle these effects.
The fidelity of observations in both local and extreme
regions has increased during the last decade, underscoring
the apparent universality of the IMF across a wide range
of environments to within observational uncertainty. This
invariance suggests the IMF has minimal dependence on
cluster size, cluster boundedness, and metallicity. Instances
of proposed variation such as within the galactic center, gi-
ant ellipticals, and dwarf galaxies are tantalizing but ten-
uous. If the formation of stars is relatively insensitive to
initial conditions and depends strongly on self-regulating
fundamental physics as simulations and CMF models sug-
gest then this would account for IMF invariance across a
range of environments. Proposed theoretical solutions for
the origin of IMF variance in extreme environments are still
in their infancy. Future work is also needed to provide more
robust constraints on observed low-mass stellar and core
mass functions, natal conditions, and secondary character-
istics such as multiplicity, which are necessary pieces of the
theoretical puzzle of the IMF origin.
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